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OUTLINE

1. Why Cosmic Rays are important for Star Formation?

2. Are protostars forges of cosmic rays?

3. New challenges for current and future telescopes
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Cosmic rays and interstellar medium in one slide

CRs

chemistry of molecular clouds collapse timescale

gas temperature dust grain charge

(production of light elements, γ-ray emission through π0 decay…)

Glassgold & Langer (1973) 
Cravens & Dalgarno (1978) 
Dalgarno+ (1999) 
Glassgold+ (2012) 
Galli & Padovani (2015)

Nakano+ (2002) 
Padovani+ (2013,2014)

Prasad & Tarafdar (1983) 
Cecchi-Pestellini & Aiello (1992) 

Shen+ (2004) 
Ivlev, Padovani, Galli+ (2015)

Caselli+ (1998) 
Padovani+ (2009,2011) 
Indriolo+ (2012) 
Padovani & Galli (2013)

very high ionisation in 
protostellar shocks (jet, surface)
Padovani (2015,2016,2017)

synchrotron emission 
in young protostars

Padovani (2015,2016,2017)
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Cosmic rays and ASTROCHEMISTRY
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Nakano+ (2002); PM, Hennebelle & Galli (2013); PM, Galli, Hennebelle, Commerçon & Joos (2014)

cosmic ray

neutral molecule

ion

electron A frictional force couples charged 
particles and neutrals

CRs regulate the ionisation degree⇒

limit on the coupling between gas and 
magnetic field

Cosmic rays and CLOUD COLLAPSE TIMESCALE
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Glassgold & Langer (1973); 
Cravens & Dalgarno (1978); Dalgarno+ (1999);  
Glassgold, Galli & PM (2012); 
Galli & PM (2015)

CR+H2(J = 0) ! CR+H2(J = 2)

CR+H2(J = 1) ! CR+H2(J = 3)
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• Rotational excitation

• Vibrational excitation

• Electronic excitation

• Dissociation

• Chemical heating (Glassgold+ 2012) : it derives from reactions instigated by the primary 
CR with neutral species and electrons. Focus on the potentially most abundant neutrals: 
CO, H2O, and O.

Cosmic rays and HEATING
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Glassgold & Langer (1973); 
Cravens & Dalgarno (1978); Dalgarno+ (1999);  
Glassgold, Galli & PM (2012); 
Galli & PM (2015)

Cosmic rays and HEATING

Volumetric heating rate [s—1 eV cm—3]

� = ⇣ QnH

The Astrophysical Journal, 756:157 (11pp), 2012 September 10 Glassgold, Galli, & Padovani

Table 6
X-Ray and Cosmic-ray Heating (in eV) in Molecular Regions

ζ Per Molecular Cloud Prestellar Core Protoplanetary Disk
Diffuse Cloud Clump Inner Region Active Region at 1 AU

nH (cm−3) 80 104 107 1010

T (K) ≃60 10 6 1000
xe 2 × 10−4 10−7 10−9 10−6

H+
3 destruction DRa DR + Ia DR + I DR + I

Qel/rot (eV) 4 2 2 2
Qvib (eV) 0 0 5 5
Qdiss (eV) 1 2 2 2
Qchem (eV) 5 9 8 9

Total heating Q (eV) 10 13 17 18

Note. a DR stands for dissociative recombination and I for ionic reactions.

This restriction means that vibrational heating is ineffective
in molecular clouds outside of pre-stellar cores. The chemical
heating also depends weakly on the abundances of the neutral
species. For example, if instead of the abundances used for the
estimates in Table 4, x(CO) = x(O) = x(H2O) = 10−4, we
choose x(CO) = 10−4, x(O) = 2 × 10−4, and x(H2O) = 0, the
chemical heating from H+

2 increases by about ∼0.2 eV. Thus,
the chemical heating associated with the H+

2 ion is reasonably
robust in molecular regions at ∼8–9 eV.

Under certain circumstances, such as very low energy cosmic
rays or soft X-rays, the considerations of this paper need to be
extended to electron energies E < 1 keV. Without attempting to
treat this subject in detail, we can obtain a preliminary view of
the situation from Table 5, which gives heating functions Q and
the energy to make an ion pair as a function of electron energy.
Many of the heating functions increase with decreasing energy,
especially collisional excitation and dissociation. However, the
percentage of the energy to make an ion pair that goes into
heating remains close to 50% down to E = 50 eV. Indeed, the
following quantities vary by less than 10% for energies greater
than 200 eV: total heating Q, energy to make an ion pair W and
the percentage heating.

We can make the implications of the theory in this paper
more concrete by estimating the heating for representative
examples of interstellar and circumstellar matter that have
significant amounts of H2. The estimates in Table 6 are based
on the assumption that the electron energy is greater than
0.5 keV, corresponding to cosmic-ray proton energies greater
than 1 MeV. For the well-observed line of sight toward ζ Per
(AV = 1) (an early focus of the H+

3 observations; Indriolo et al.
2007), we use the modeling results for many observed species
by Shaw et al. (2008), who fit the cosmic-ray ionization rate
per H2 with ζ2 ≃ 8 × 10−16 s−1. The densities in this diffuse
cloud are too low for vibrational heating. The estimate for
elastic/rotational heating may be too high because the density
and temperature in this cloud may not be large enough for
significant quenching of rotational excitation, according to the
discussion in Section 3.1. The chemical heating in this case
comes from dissociative recombination because, according to
Equation (23), it dominates over ion reactions. All of the heating
estimates for ζ Per have been reduced by 70% to take into
account that atomic H has not been fully converted into H2. The
entries under H+

3 destruction in Table 6 indicate whether the
chemical heating is dominated by dissociative recombination of
H+

3 (“DR”) or ionic reactions (“I”).

For the case of a molecular cloud clump, dissociative recom-
bination plays a role in the destruction of H+

3, but ion–molecule
reactions are probably more important. Again, clumps are not
dense enough for vibrational heating, and they also may not
be warm enough to quench rotational excitation. For the inner
region of a pre-stellar core, the density may be high enough for
vibrational heating, but their low temperatures suggest that the
elastic/rotational heating may be somewhat smaller than given
in Table 6. The freezeout of volatiles, including some CO, means
that the chemical heating will probably be close to the value for
dissociative recombination.

The densities in the inner molecular layer of a protoplanetary
disk are often in excess of 109 cm−3, and both rotational and
vibrational heating should be effective. Because these regions
are close to a stellar X-ray source, the X-ray ionization rates
are much larger than the cosmic-ray rates for interstellar matter.
Thus, the electron fractions are relatively high at the top of
the molecular region, ∼10−7–10−6, and Equation (23) indicates
that dissociative recombination still plays a role in the chemical
heating of the very dense inner regions. However, for sufficiently
large vertical columns, the X-ray ionization is sufficiently
reduced that ionic reactions dominate chemical heating.

All of the cases considered in Table 6 contain a significant
if not an overwhelming fraction of H2. These rough estimates
for the total heating per ion pair increase with the total density,
and range from ∼10 eV per ion pair for a moderately thick
diffuse cloud like ζ Per to ∼18 eV per ion pair for the densest
regions. Perhaps the most important conclusion from these four
examples is that cosmic-ray and X-ray heating are sensitive to
the physical conditions, as expressed in the equations presented
in Sections 3 and 4. The values of Q listed in Table 6 for various
environments, combined with prescriptions for ζH as function
of the column density of the ambient gas (Padovani et al. 2009)
and for the magnetic field intensity (Padovani & Galli 2011),
allow the determination of the cosmic-ray heating rate in clouds,
cores, and protostellar disks.

6. CONCLUSION

Dalgarno et al. (1999; DYL) made an extensive study of
the energy loss of fast electrons in H, He and H2, He gas
mixtures. The electrons are at the heart of the interaction
of cosmic rays and X-rays with interstellar and circumstellar
matter. Although DYL analyzed essentially all excitation and
ionization processes, they only discussed the heating from

8
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Prasad & Tarafdar (1983); Cecchi-Pestellini & Aiello (1992); Shen+ (2004); Ivlev, PM, Galli & Caselli (2015)
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cold plasma

Cosmic rays and DUST GRAIN COAGULATION

Dust grains are charged by collisions with 
the electron and ion plasma from the gas 
(cold plasma charging; e.g., Draine & Sutin 
1987).

vthe =

r
mi

me
vthi

⇒ dust grains are mainly 
negatively charged.

Dust grains coagulate to form bigger 
cong lomera tes , a fundamenta l 
mechanism for the formation of 
planetesimals.
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ζ key–brick parameter: 

— chemical models (interpretation of 
observed abundances); 

— non-ideal MHD simulations (study of 
the collapse of a molecular cloud core 
and the formation of a protostellar 
disc);

Cosmic-ray ionisation rate
(number of ionisation per second)

[s–1]

⇣ = 4⇡

Z
j(E)�(E)dE



M. Padovani — Protostars: forges of cosmic rays? — Potsdam, Mar 7th 2018

Diffuse regions

Starless cores
Massive 

protostellar 
envelopes

“Spitzer” value

PM, Galli & Glassgold (2009) 
Ivlev, PM, Galli & Caselli (2015) 
PM, Ivlev, Galli & Caselli, in prep.

Voyager-like spectrum

Gerin+ (2010) 
Neufeld+ (2010) 
Shaw+ (2008) 
Indriolo+ (2012) 
Caselli+ (1998) 
Maret & Bergin (2007) 
Fuente+ (2016) 
Ceccarelli+ (2004) 
Boisanger+ (1996) 
van der Tak+ (2000) 
Doty+ (2002) 
Hezareh+ (2008)
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ESO ESO ESO 

diffusedenseprotostar

10�15

10�16

10�17

10�18

⇣ [s�1]

⇡ 10�19

10�22

ζ~3×10—16 s—1 in L1157-B1 (Podio+ 2014)

ζ~4×10—14  s-1 and 8×10—12 s-1 in OMC-2 FIR 4

Sν∝ν—0.89±0.07 in the bow shock of DG Tau (Ainsworth+ 2014)

1-10 pc0.1 pc<400 AU

(Ceccarelli+ 2014; 
Fontani+ 2017)
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Intermediate magnetisation λ=5 
Perpendicular rotator (J,B)=π/2

Field lines in the inner 600 AU

PM, Hennebelle & Galli (2013)

CR propagation in 3D simulations 
of collapsing rotating core

Interstellar CRs CANNOT reach the densest part of a star-forming core
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ESO 

protostar

⇡ 10�19

10�22

What are the possible 
sources of energetic 

particles?

ζ~3×10—16 s—1 in L1157-B1 (Podio+ 2014)

Sν∝ν—0.89±0.07 in the bow shock of DG Tau (Ainsworth+ 2014)

ζ~4×10—14  s-1 and 8×10—12 s-1 in OMC-2 FIR 4
(Ceccarelli+ 2014; 
Fontani+ 2017)
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(1)accretion flows; 
(2)protostellar surface; 
(3)jet shock;

7
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FIG. 2: Diffusive shock acceleration is illustrated: the shaded vertical region is the shock, the circular blobs denote idealized
scattering centers, and the solid line with arrows denotes the path of an idealized fast particle. The coordinate z and the
velocities u1 and u2 introduced in (14) are shown for the case of a parallel shock.

side 1. On doing so, it sees the scattering centers on side 1 approaching it head on at |u1 − u2|. Again it gains energy
on being scattered. DSA requires efficient scattering, and this can be achieved only by resonant scattering. Upstream
of the shock the density of the fast particles decreases with distance from the shock, and the spatial gradient can
cause the resonant waves to grow. Analogous to the scattering of streaming CRs, the growth of the resonant waves
decreases rapidly with increasing particle energy, and some other source of resonant waves is required for higher energy
particles. Scattering downstream of the shock is less problematic, with several possible sources of resonant waves,
including waves generated in the upstream region and swept back across the shock.

The treatment of DSA given below is a nonrelativistic, single-particle theory. The assumption that collective effects
of the fast particles can be neglected is not necessarily valid: DSA is so efficient that the fast particles can become
an important component of the upstream plasma. Once the pressure associated with the fast particles becomes
comparable with the thermal pressure, the structure of the shock is modified by this pressure. This can result in the
stresses being transferred from the downstream to the upstream plasma primarily through the fast particles, with no
discontinuity in the density of the thermal gas [MD01]. Such nonlinear effects provide a constraint on DSA.

B. Diffusive treatment of DSA

Consider a distribution of particles f(p, z) that is averaged over pitch angle and is a function of distance z from
a shock in a frame in which the shock is at rest. It is assumed that scattering causes the particles to diffuse in the
z direction with diffusion coefficient κ(z). The particles are also assumed to be streaming with the streaming speed
u. The diffusion is described by

df(p, z)

dt
=

∂

∂z

!

κ(z)
∂f(p, z)

∂z

"

+ Q(p, z) − fesc(p),

df(p, z)

dt
=
∂f(p, z)

∂t
+ u

∂f(p, z)

∂z
+ ṗ

∂f(p, z)

∂p
, ṗ = −

1

3
p
∂u

∂z
, (13)

where Q(p, z) is a source term, and where the sink term fesc(p) takes account of escape of particles downstream from
the shock. The term involving a partial derivative with respect to p determines the energy changes. It is assumed
that the speed u changes abruptly across the shock:

u =

#

u1 for z < 0 (upstream),

u2 for z > 0 (downstream),

∂u

∂z
= (u1 − u2) δ(z). (14)

A stationary solution of (13) exists when both the source and the sink term are neglected, such that the equation
reduces to u ∂f/∂z = (∂/∂z)(κ ∂f/∂z); a general solution is

f(p, z) = A + B exp

$

u

%

dz
1

κ(z)

&

, (15)

Melrose (2009)

Diffusive Shock Acceleration (DSA) or 
First-order Fermi acceleration

Padovani+ (2016) Acceleration sites
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• DSA works only for protons (electrons lose energy too fast, Emax(e)<300 MeV); 

• DSA is effective only in jet and protostellar surface shocks (in accretion flows, 
x and Ush are too small, quenching the particle acceleration; B is as large as to 
produce a sub-Alfvénic shock).

Refs: Ush (Raga+ 2002,2011; Hartigan & Morse 2007; Agra-Amboage+ 2011); 
        T (Frank+ 2014); 
        nH (Lefloch+ 2012; Gómez-Ruiz+ 2012); 
        x (Nisini+ 2005; Podio+ 2006; Antoniucci+ 2008; Garcia López+ 2008;  
           Dionatos+ 2010; Frank+ 2014; Maurri+ 2014);  
        B (Tesileanu+ 2009, 2012) 

For protostellar surface shock, parameters from Masunaga & Inutsuka (2000)

Parameters needed for the model

M. Padovani et al.: In-situ particle (re-)acceleration and induced ionisation in protostars

Since jet shocks have a small transverse dimension with re-
spect to shocks in supernovae, the energy limit due to down-
stream escape losses, Eesc,d, is found when the acceleration time,
inverse of Eq. (3), is equal to the downstream di↵usion time,
tdi↵,d, which is given by2

tdi↵,d =
R2
?

4d
. (18)

Then, Eesc,d derives from

��2(� � 1) = 5.8
(kukd)↵(r � 1)
r(1 + rkd/ku)

µ̃�1 (19)

⇥
✓ Ush

102 km s�1

◆2  
B

10 µG

!2 ✓ R?
102 AU

◆2
.

Finally, if the shock is supersonic and super-Alfvénic (Eq. 2) and
if R > 1 (Eq. 15), the maximum energy reached by a particle is

Emax = min[Eloss, Edamp, Eage, Eesc,u, Eesc,d]. (20)

2.1.5. Condition on particle pressure

At relativistic energies, in the context of supernova remnants, it
is assumed that at least 10% of the ram pressure is channeled
in particle pressure (Berezhko & Ellison 1999), while in proto-
stars one expects P0 < 0.1, since supernovae are more energetic
events. P0 is proportional to the shock e�ciency ⌘ 2 [10�6, 10�3]
(Bykov 2004), which represents the fraction of particles ex-
tracted from the thermal plasma and injected into the acceler-
ation process by a shock. We predict both non-relativistic and
mildly relativistic accelerated particles and we checked a poste-
riori that there is no strong back-reaction. This means that the
upstream medium is not warn by these particles that a shock is
coming and we can safely assume that the shock and the DSA
process are unmodified. For this reason, we can describe the
particle distribution function in the test-particle regime with a
power law of the momentum, f (p) / p�3r/(r�1). Berezhko &
Ellison (1999) give the expressions for the normalised particle
pressure in non-relativistic and relativistic regimes as well as in
the transition region. The sum of these pressures gives

P0 = ⌘r
 

c
Ush

!2

ep a
inj

0
BBBBBB@

1 � ep b1
inj

2r � 5
+

ep b2
max � 1
r � 4

1
CCCCCCA , (21)

where epk = pk(mc)�1 (k = inj,max) is the normalised momen-
tum, a = 3/(r � 1), b1 = (2r � 5)/(r � 1), b2 = (r � 4)/(r � 1),
and c is the light speed. Following Blasi et al. (2005), the min-
imum (or injection) momentum, pinj, of a particle able to cross
the shock, which enters the acceleration process, is related to the
thermal particle momentum, pth, by

pinj = �pth = �mcs,d , (22)
where cs,d is the sound speed in the downstream region defined
as (Berezhko & Ellison 1999)

cs,d =
Ush

r

p
�ad(r � 1) . (23)

The value of the parameter � depends on the shock e�ciency ⌘
and it reads

⌘ =
4

3
p
⇡

(r � 1)�3e��
2
. (24)

The maximum momentum, pmax, follows from Eq. (20).
2 The factor 4 in the denominator of Eq.18 comes from the fact that

the di↵usion process in the perpendicular direction is in two dimen-
sions.

3. Potential particle acceleration sites

In this Section, we identify and characterise possible sites of par-
ticle acceleration in protostars. In particular, we consider accre-
tion flows in Class 0 objects and jets in more evolved sources.

3.1. Accretion flows in the collapsing envelope

A number of Class 0 collapsing envelopes have been observed
and their density and temperature profile has been modelled
(e.g., Crimier et al. 2010; Ceccarelli et al. 2000). Assuming a
spherical collapse, Ush ' 1� 10 km s�1 at 100 AU. If flux freez-
ing holds and B = 10 µG at a distance of 0.1 pc, the magnetic
field at 100 AU is about 400 mG. This naive guess is comparable
within a factor of 2 with the value found by Alves et al. (2012)
who estimate B ⇠ 200 mG from observations of shock-induced
H2O masers. This is an averaged quantity, but Imai et al. (2007)
computed the position of the H2O masers, the farther one be-
ing at about 110 AU. Finally, the ionisation fraction has to be
of the order of 10�4 � 10�5 in order to justify the presence of
maser pumping (Strelnitskij 1984; Wootten 1989). Masers arise
in presence of shocks and usually they are referred to jet activ-
ity rather than accretion flows. This is to say that the values for
both magnetic field strength and ionisation fraction have to be re-
garded as upper limits in our estimates. We checked all the con-
ditions in Sect. 2.1 making a parameter study using the values
shown in the first row of Table 1 and we verified that Eq. (15) is
not fulfilled in accretion flows (R ⌧ 1). Ionisation fraction and
shock velocity are too small, quenching the particle acceleration
and the magnetic field strength is also as large as to produce a
sub-Alfvénic shock. This means that we can rule out accretion
flows as possible shock acceleration sites.

Table 1. Values of the parameters described in the text.

site⇤ Ush T nH x B
[km s�1] [K] [cm�3] [G]

E 1 � 10 50 � 100 107 � 108 . 10�6 10�3 � 10�1

J 40 � 160 104 � 105 104 � 107 0.01 � 0.9 5 ⇥ 10�5 � 10�3

P 260 9.4 ⇥ 105 1.9 ⇥ 1012 0.01 � 0.9 1 � 103

⇤E = envelope (Sect. 3.1); J = jet (Sect. 3.2);
P = protostellar surface (Sect. 10).

3.2. Jets

Jets are observed at all stages during the evolution of a proto-
star, from the main infall phase of Class 0 objects (e.g. HH 212,
McCaughrean et al. 2002), to evolved Class I protostars (e.g.
HH 111, Reipurth et al. 1997), to Class II sources (e.g. HH 30,
Watson & Stapelfeldt 2004). Jet speeds, vfl, are similar for dif-
ferent classes, between about 60 and 300 km s�1 with shock ve-
locities, vsh, of the order of 20 � 140 km s�1 (Raga et al. 2002,
2011; Hartigan & Morse 2007; Agra-Amboage et al. 2011). In
Equations of Sect. 2.1, Ush is the upstream flow velocity in the
shock reference frame, then its range is 40� 160 km s�1 (Eq. 1).
A stationary shock is seen at 20 AU in Class I and II, while for
the time being there is lack of resolution to resolve Class 0 ob-
jects. There are also moving internal shocks, spaced each other
by about 100 AU.

The neutral density is between 104 and 107 cm�3 (Lefloch et
al. 2012; Gómez-Ruiz et al. 2012) with temperatures of the order

5
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Since jet shocks have a small transverse dimension with re-
spect to shocks in supernovae, the energy limit due to down-
stream escape losses, Eesc,d, is found when the acceleration time,
inverse of Eq. (3), is equal to the downstream di↵usion time,
tdi↵,d, which is given by2

tdi↵,d =
R2
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4d
. (18)
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Finally, if the shock is supersonic and super-Alfvénic (Eq. 2) and
if R > 1 (Eq. 15), the maximum energy reached by a particle is

Emax = min[Eloss, Edamp, Eage, Eesc,u, Eesc,d]. (20)

2.1.5. Condition on particle pressure

At relativistic energies, in the context of supernova remnants, it
is assumed that at least 10% of the ram pressure is channeled
in particle pressure (Berezhko & Ellison 1999), while in proto-
stars one expects P0 < 0.1, since supernovae are more energetic
events. P0 is proportional to the shock e�ciency ⌘ 2 [10�6, 10�3]
(Bykov 2004), which represents the fraction of particles ex-
tracted from the thermal plasma and injected into the acceler-
ation process by a shock. We predict both non-relativistic and
mildly relativistic accelerated particles and we checked a poste-
riori that there is no strong back-reaction. This means that the
upstream medium is not warn by these particles that a shock is
coming and we can safely assume that the shock and the DSA
process are unmodified. For this reason, we can describe the
particle distribution function in the test-particle regime with a
power law of the momentum, f (p) / p�3r/(r�1). Berezhko &
Ellison (1999) give the expressions for the normalised particle
pressure in non-relativistic and relativistic regimes as well as in
the transition region. The sum of these pressures gives

P0 = ⌘r
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+
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where epk = pk(mc)�1 (k = inj,max) is the normalised momen-
tum, a = 3/(r � 1), b1 = (2r � 5)/(r � 1), b2 = (r � 4)/(r � 1),
and c is the light speed. Following Blasi et al. (2005), the min-
imum (or injection) momentum, pinj, of a particle able to cross
the shock, which enters the acceleration process, is related to the
thermal particle momentum, pth, by

pinj = �pth = �mcs,d , (22)
where cs,d is the sound speed in the downstream region defined
as (Berezhko & Ellison 1999)

cs,d =
Ush

r

p
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The value of the parameter � depends on the shock e�ciency ⌘
and it reads
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The maximum momentum, pmax, follows from Eq. (20).
2 The factor 4 in the denominator of Eq.18 comes from the fact that

the di↵usion process in the perpendicular direction is in two dimen-
sions.

3. Potential particle acceleration sites

In this Section, we identify and characterise possible sites of par-
ticle acceleration in protostars. In particular, we consider accre-
tion flows in Class 0 objects and jets in more evolved sources.

3.1. Accretion flows in the collapsing envelope

A number of Class 0 collapsing envelopes have been observed
and their density and temperature profile has been modelled
(e.g., Crimier et al. 2010; Ceccarelli et al. 2000). Assuming a
spherical collapse, Ush ' 1� 10 km s�1 at 100 AU. If flux freez-
ing holds and B = 10 µG at a distance of 0.1 pc, the magnetic
field at 100 AU is about 400 mG. This naive guess is comparable
within a factor of 2 with the value found by Alves et al. (2012)
who estimate B ⇠ 200 mG from observations of shock-induced
H2O masers. This is an averaged quantity, but Imai et al. (2007)
computed the position of the H2O masers, the farther one be-
ing at about 110 AU. Finally, the ionisation fraction has to be
of the order of 10�4 � 10�5 in order to justify the presence of
maser pumping (Strelnitskij 1984; Wootten 1989). Masers arise
in presence of shocks and usually they are referred to jet activ-
ity rather than accretion flows. This is to say that the values for
both magnetic field strength and ionisation fraction have to be re-
garded as upper limits in our estimates. We checked all the con-
ditions in Sect. 2.1 making a parameter study using the values
shown in the first row of Table 1 and we verified that Eq. (15) is
not fulfilled in accretion flows (R ⌧ 1). Ionisation fraction and
shock velocity are too small, quenching the particle acceleration
and the magnetic field strength is also as large as to produce a
sub-Alfvénic shock. This means that we can rule out accretion
flows as possible shock acceleration sites.

Table 1. Values of the parameters described in the text.

site⇤ Ush T nH x B
[km s�1] [K] [cm�3] [G]

E 1 � 10 50 � 100 107 � 108 . 10�6 10�3 � 10�1

J 40 � 160 104 � 105 104 � 107 0.01 � 0.9 5 ⇥ 10�5 � 10�3

P 260 9.4 ⇥ 105 1.9 ⇥ 1012 0.01 � 0.9 1 � 103

⇤E = envelope (Sect. 3.1); J = jet (Sect. 3.2);
P = protostellar surface (Sect. 10).

3.2. Jets

Jets are observed at all stages during the evolution of a proto-
star, from the main infall phase of Class 0 objects (e.g. HH 212,
McCaughrean et al. 2002), to evolved Class I protostars (e.g.
HH 111, Reipurth et al. 1997), to Class II sources (e.g. HH 30,
Watson & Stapelfeldt 2004). Jet speeds, vfl, are similar for dif-
ferent classes, between about 60 and 300 km s�1 with shock ve-
locities, vsh, of the order of 20 � 140 km s�1 (Raga et al. 2002,
2011; Hartigan & Morse 2007; Agra-Amboage et al. 2011). In
Equations of Sect. 2.1, Ush is the upstream flow velocity in the
shock reference frame, then its range is 40� 160 km s�1 (Eq. 1).
A stationary shock is seen at 20 AU in Class I and II, while for
the time being there is lack of resolution to resolve Class 0 ob-
jects. There are also moving internal shocks, spaced each other
by about 100 AU.

The neutral density is between 104 and 107 cm�3 (Lefloch et
al. 2012; Gómez-Ruiz et al. 2012) with temperatures of the order
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Since jet shocks have a small transverse dimension with re-
spect to shocks in supernovae, the energy limit due to down-
stream escape losses, Eesc,d, is found when the acceleration time,
inverse of Eq. (3), is equal to the downstream di↵usion time,
tdi↵,d, which is given by2

tdi↵,d =
R2
?

4d
. (18)

Then, Eesc,d derives from
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Finally, if the shock is supersonic and super-Alfvénic (Eq. 2) and
if R > 1 (Eq. 15), the maximum energy reached by a particle is

Emax = min[Eloss, Edamp, Eage, Eesc,u, Eesc,d]. (20)

2.1.5. Condition on particle pressure

At relativistic energies, in the context of supernova remnants, it
is assumed that at least 10% of the ram pressure is channeled
in particle pressure (Berezhko & Ellison 1999), while in proto-
stars one expects P0 < 0.1, since supernovae are more energetic
events. P0 is proportional to the shock e�ciency ⌘ 2 [10�6, 10�3]
(Bykov 2004), which represents the fraction of particles ex-
tracted from the thermal plasma and injected into the acceler-
ation process by a shock. We predict both non-relativistic and
mildly relativistic accelerated particles and we checked a poste-
riori that there is no strong back-reaction. This means that the
upstream medium is not warn by these particles that a shock is
coming and we can safely assume that the shock and the DSA
process are unmodified. For this reason, we can describe the
particle distribution function in the test-particle regime with a
power law of the momentum, f (p) / p�3r/(r�1). Berezhko &
Ellison (1999) give the expressions for the normalised particle
pressure in non-relativistic and relativistic regimes as well as in
the transition region. The sum of these pressures gives

P0 = ⌘r
 

c
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where epk = pk(mc)�1 (k = inj,max) is the normalised momen-
tum, a = 3/(r � 1), b1 = (2r � 5)/(r � 1), b2 = (r � 4)/(r � 1),
and c is the light speed. Following Blasi et al. (2005), the min-
imum (or injection) momentum, pinj, of a particle able to cross
the shock, which enters the acceleration process, is related to the
thermal particle momentum, pth, by

pinj = �pth = �mcs,d , (22)
where cs,d is the sound speed in the downstream region defined
as (Berezhko & Ellison 1999)
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The value of the parameter � depends on the shock e�ciency ⌘
and it reads
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The maximum momentum, pmax, follows from Eq. (20).
2 The factor 4 in the denominator of Eq.18 comes from the fact that

the di↵usion process in the perpendicular direction is in two dimen-
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In this Section, we identify and characterise possible sites of par-
ticle acceleration in protostars. In particular, we consider accre-
tion flows in Class 0 objects and jets in more evolved sources.

3.1. Accretion flows in the collapsing envelope

A number of Class 0 collapsing envelopes have been observed
and their density and temperature profile has been modelled
(e.g., Crimier et al. 2010; Ceccarelli et al. 2000). Assuming a
spherical collapse, Ush ' 1� 10 km s�1 at 100 AU. If flux freez-
ing holds and B = 10 µG at a distance of 0.1 pc, the magnetic
field at 100 AU is about 400 mG. This naive guess is comparable
within a factor of 2 with the value found by Alves et al. (2012)
who estimate B ⇠ 200 mG from observations of shock-induced
H2O masers. This is an averaged quantity, but Imai et al. (2007)
computed the position of the H2O masers, the farther one be-
ing at about 110 AU. Finally, the ionisation fraction has to be
of the order of 10�4 � 10�5 in order to justify the presence of
maser pumping (Strelnitskij 1984; Wootten 1989). Masers arise
in presence of shocks and usually they are referred to jet activ-
ity rather than accretion flows. This is to say that the values for
both magnetic field strength and ionisation fraction have to be re-
garded as upper limits in our estimates. We checked all the con-
ditions in Sect. 2.1 making a parameter study using the values
shown in the first row of Table 1 and we verified that Eq. (15) is
not fulfilled in accretion flows (R ⌧ 1). Ionisation fraction and
shock velocity are too small, quenching the particle acceleration
and the magnetic field strength is also as large as to produce a
sub-Alfvénic shock. This means that we can rule out accretion
flows as possible shock acceleration sites.
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Jets are observed at all stages during the evolution of a proto-
star, from the main infall phase of Class 0 objects (e.g. HH 212,
McCaughrean et al. 2002), to evolved Class I protostars (e.g.
HH 111, Reipurth et al. 1997), to Class II sources (e.g. HH 30,
Watson & Stapelfeldt 2004). Jet speeds, vfl, are similar for dif-
ferent classes, between about 60 and 300 km s�1 with shock ve-
locities, vsh, of the order of 20 � 140 km s�1 (Raga et al. 2002,
2011; Hartigan & Morse 2007; Agra-Amboage et al. 2011). In
Equations of Sect. 2.1, Ush is the upstream flow velocity in the
shock reference frame, then its range is 40� 160 km s�1 (Eq. 1).
A stationary shock is seen at 20 AU in Class I and II, while for
the time being there is lack of resolution to resolve Class 0 ob-
jects. There are also moving internal shocks, spaced each other
by about 100 AU.

The neutral density is between 104 and 107 cm�3 (Lefloch et
al. 2012; Gómez-Ruiz et al. 2012) with temperatures of the order
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if R > 1 (Eq. 15), the maximum energy reached by a particle is

Emax = min[Eloss, Edamp, Eage, Eesc,u, Eesc,d]. (20)

2.1.5. Condition on particle pressure

At relativistic energies, in the context of supernova remnants, it
is assumed that at least 10% of the ram pressure is channeled
in particle pressure (Berezhko & Ellison 1999), while in proto-
stars one expects P0 < 0.1, since supernovae are more energetic
events. P0 is proportional to the shock e�ciency ⌘ 2 [10�6, 10�3]
(Bykov 2004), which represents the fraction of particles ex-
tracted from the thermal plasma and injected into the acceler-
ation process by a shock. We predict both non-relativistic and
mildly relativistic accelerated particles and we checked a poste-
riori that there is no strong back-reaction. This means that the
upstream medium is not warn by these particles that a shock is
coming and we can safely assume that the shock and the DSA
process are unmodified. For this reason, we can describe the
particle distribution function in the test-particle regime with a
power law of the momentum, f (p) / p�3r/(r�1). Berezhko &
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both magnetic field strength and ionisation fraction have to be re-
garded as upper limits in our estimates. We checked all the con-
ditions in Sect. 2.1 making a parameter study using the values
shown in the first row of Table 1 and we verified that Eq. (15) is
not fulfilled in accretion flows (R ⌧ 1). Ionisation fraction and
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and the magnetic field strength is also as large as to produce a
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HH 111, Reipurth et al. 1997), to Class II sources (e.g. HH 30,
Watson & Stapelfeldt 2004). Jet speeds, vfl, are similar for dif-
ferent classes, between about 60 and 300 km s�1 with shock ve-
locities, vsh, of the order of 20 � 140 km s�1 (Raga et al. 2002,
2011; Hartigan & Morse 2007; Agra-Amboage et al. 2011). In
Equations of Sect. 2.1, Ush is the upstream flow velocity in the
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Ainsworth+ (2014) detected synchrotron emission (GMRT) towards the bow shock (knot 
C) of DG Tau, speculating that this could be due to relativistic electrons accelerated in 
the interaction between the jet and the ambient medium.– 17 –

DG Tau

Counterjet?

Knot C

Bow shock

Fig. 1.— Our GMRT observations at 325MHz (dashed contours) and 610MHz (solid con-

tours) overlaid on a composite RGB image built from I, Hα and [SII] bands from the TLS

Schmidt telescope at a similar epoch (2012.92; B. Stecklum, priv. comm.) to illustrate

detection of the bow shock driven by Knot C from Eislöffel & Mundt (1998). GMRT con-

tours are −3, 3, 4, 5, 6× σrms, where σrms = 146µJybeam−1 at 325MHz and 93µJybeam−1

at 610MHz, although we note there are no negative contours within the section of the field

shown. The synthesized beam is shown as an ellipse in the bottom left corner. All coordi-

nates are J2000.0. The EVLA positions of the bow shock at 5.4 and 8.5GHz are shown as

a plus (+) and a cross (×), respectively (see Table 1; Lynch et al. 2013). The optical stellar

position corrected for proper motion (Zacharias et al. 2013) is shown as an asterisk (∗) and

the optical jet axis and bow shock are shown as solid black lines. We note there is a 3σ

contour at 610MHz at the optical stellar position tracing the base of the jet that may be

difficult to see.

325 MHz (solid contours);  
610 MHz (dashed contours).

Ainsworth+ (2014)

observations 
α=—0.89±0.07Using results by Lynch+ (2013), EVLA obs.

Application of the modelling: comparison with available observations
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Ainsworth+ (2014) detected synchrotron emission (GMRT) towards the bow shock (knot 
C) of DG Tau, speculating that this could be due to relativistic electrons accelerated in 
the interaction between the jet and the ambient medium.

model 
α=—0.98

observations 
α=—0.89±0.07

Application of the modelling: comparison with available observations

Padovani+ (2016)

re-acceleration of  

interstellar CR electrons

Padovani+ (2016)
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L. Podio et al.: Molecular ions in the protostellar shock L1157-B1

Fig. 1. Top panel: integrated CO J = 2–1 emission of the L1157 bipolar
outflow (Bachiller et al. 2001). Offsets are with respect to the driving
source L1157-mm (black star), at coordinates: αJ2000 = 20h39m06.s2,
δJ2000 = +68◦02′16.′′0. The black triangles and labels indicate the main
blue- and red-shifted knots as defined by Bachiller et al. (2001). Circle
is for the largest HPBW of the present dataset (40′′), centred on the
L1157-B1 bow shock. Bottom panel: the L1157-B1 bow shock as traced
by the CH3CN J = 8–7 K = 0, 1, 2 emission at 3 mm, observed with
the IRAM PdB interferometer (Codella et al. 2009).

which cannot be resolved by our single-dish IRAM-30 m and
Herschel/HIFI observations. However, Lefloch et al. (2012)
showed that the analysis of the line profiles provides a simple
tool for identifying the different spatial and velocity components.
In particular, the CO line profiles from J = 1–0 to J = 16–15
are well fitted by a linear combination of three velocity compo-
nents (g1, g2, and g3), whose intensity-velocity relation follows
an exponential law I(V) = I(0) exp(−|V/V0|), with V0 = 12.5,
4.4, and 2.5 km s−1 for g1, g2, and g3, respectively. These ve-
locity components trace different regions in the B1 bow shock,
characterized by different sizes and physical conditions:

(i) g1: the jet impact region against the cavity (∼7−10′′) in the
L1157-B1 bow shock, with gas at Tkin ∼ 210 K, reaching
velocities up to −40 km s−1;

(ii) g2: the outflow cavity associated with B1, made of gas
at Tkin ∼ 60−80 K, reaching velocities up to −20 km s−1;

(iii) g3: the cavity associated with the older outflow shock
L1157-B2, made of colder gas (Tkin ∼ 20 K) at slower
velocities (≤−10 km s−1).

Besides the three components shown by the analysis of the
CO line profiles, a fourth hot and tenuous component (Tkin ∼
1000 K, nH2 ∼ 104 cm−3) is detected in H2O lines (Busquet et al.
2014).

Interestingly, L1157-B1 also shows emission in molec-
ular ions, such as HCO+, HCS+, and N2H+ (Bachiller &
Perez Gutierrez 1997; Codella et al. 2010, 2013; Yamaguchi
et al. 2012), making it a unique target for investigating the chem-
istry of molecular ions in protostellar shocks.

4. Results
4.1. Line identification
The ions identified down to the 3σ level (∼5 mK in the 3 mm
band) in L1157-B1 are HCO+, H13CO+, N2H+, HOCO+, SO+,
and HCS+. Thanks to the high sensitivity of our survey, several
transitions of each molecular species are detected, allowing high
accuracy in the derivation of the physical conditions. HOCO+
and SO+ are observed for the first time in L1157-B1 and, more
in general, in a protostellar shock.

The properties of the detected lines (transition, fre-
quency (ν0) in MHz, upper level energy (Eup) in K) and their
observational parameters (telescope half power beam width
(HPBW) in arcseconds, rms noise in mK, peak velocity (Vpeak)
in km s−1, peak temperature (Tpeak) in main-beam temperature
units, full width at half maximum (FWHM) in km s−1, and in-
tegrated intensity (

!
TmbdV) in K km s−1) are summarised in

Table 1. All the transitions reported in the table are observed with
the IRAM-30 m/FTS, except those indicated by the star which
are observed with Herschel/HIFI. A Gaussian fit is applied to
estimate the line properties for most of the transitions. When the
line profile is non-Gaussian the line intensity is obtained by inte-
grating the area below the profile. For each species we also report
a 3σ upper limit for the first non-detected transition covered by
our observations. The line spectra are shown in Fig. 2. All the
detected lines peak at blue-shifted velocity, ∼0.5–3 km s−1 with
respect to systemic, and have a line width of ∼3–7 km s−1, which
is consistent with emission originating in the outflow cavities B1
and B2. A detailed analysis of the observed line profiles for each
molecular ion is presented in the following sections.

4.2. Physical conditions and abundances
The gas physical conditions and the column density and abun-
dance of each molecular species were derived from a multi-
transition analysis, by means of a radiative transfer code in the
LVG approximation whenever more than one line is detected
and the collisional coefficients are available (HCO+, HOCO+,
and HCS+), and in the hypothesis of local thermodynamic
equilibrium (LTE) otherwise (N2H+, and SO+). The Einstein
coefficients and upper level energies were retrieved from the
Jet Propulsion Laboratory (JPL) database6 (Pickett et al. 1998)
and the Cologne Database of Molecular Spectroscopy (CDMS)7

(Müller et al. 2001), whilst the collisional coefficients were
taken from the BASECOL database8 (Dubernet et al. 2013).
In particular, the references for the collisional coefficients are
Flower (1999) for HCO+, Hammami et al. (2007) for HOCO+,

6 http://spec.jpl.nasa.gov
7 http://www.astro.uni-koeln.de/cdms
8 http://basecol.obspm.fr/
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López-Sepulcre (2013)

OMC-2 FIR 4 : ζ=4×10-14 s-1 (Ceccarelli+ 2014: HCO+,N2H+ ; Fontani+ 2017: HC3N,HC5N);

Application of the modelling: comparison with available observations

→ The propagation mechanism is probably neither purely diffusive nor free streaming.

Padovani+ (2016)

Protostellar surface acceleration 
m o d e l ( p a r a m e t e r s f r o m 
Masunaga & Inutsuka 2000).

free-streaming

diffusion with Rdiff≫R
Aharonian (2004)

Padovani+ (2016)

Fontani+ (2017)

Osorio+ (2017)
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Rodríguez-Kamenetzky+ (2015)
Carrasco-González+ (2013)

In high-mass YSOs it is even easier to accelerate CRs!



M. Padovani — Protostars: forges of cosmic rays? — Potsdam, Mar 7th 2018

Beltrán+ (2016)

In high-mass YSOs it is even easier to accelerate CRs!
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A number of observations can be explained by our model: synchrotron 
emission in DG Tau, very high ionisation rate in L1157-B1 and OMC-2 FIR 4.

Conclusions and Perspectives
We identified a new mechanism to accelerate CRs in protostellar shocks.

the creation of COMs on dust grains  

+ release in the gas phase

the extension of dead zone in discs

the formation of meteoric 10BeOUTCOMES
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Conclusions and Perspectives

LOCAL CR acceleration is revealed by

molecular line emission

(ionisation rate)

synchrotron and 
gamma emission

CTA 
H.E.S.S.

A number of observations can be explained by our model: synchrotron 
emission in DG Tau, very high ionisation rate in L1157-B1 and OMC-2 FIR 4.

We identified a new mechanism to accelerate CRs in protostellar shocks.
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